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ABSTRACT 

Chandra serendipitously observed the echpsing (80° < i < 84°) intermediate po- 
lar, XY Arietis (=H0253+193), in two separate but continuous observations five weeks 
apart. XY Ari was in a quiescent state during both observations. We pursue the study 
of phase-resolved spectra for this system focusing on the Fe K lines. From the combined 
and separate data sets, we readily detect emission lines of iron near 6.4, 6.7, and 6.9 
keV at better than 99% significance in contrast to previous results. We confirm the 
orbit-phased sinusoidal absorption column behavior first observed with Ginga as well 
as a sinusoid-like behavior as a function of spin phase. The presence of the 6.4, 6.7, 
and 6.9 keV lines requires different ionization states with ^ <2 (6.4 keV) and ^ ~3.5-4 
(6.7 and 6.9 keV) that must vary with phase. We also detect emission lines at 3.25, 4.8, 
and 5.4 keV that are not instrumental in origin. The 4.8 keV line may be identified as 
Ca XIX (4.832 keV) and the 3.25 keV hue may be Ar I K, but the 5.4 keV hue has no 
obvious identification. 

Subject headings: (stars:) cataclysmic variables; Xrays: binaries; stars: individual (XY Ari) 



1. Introduction 

XY Ari belongs to the class of binary stars 
known as cataclysmic variables (CV's) which 
are characterized by mass transfer between a 
red dwarf and a white dwarf (Warner 1995). 
The infalling mass may create an accretion 
disk surrounding the white dwarf depending 
on the strength of the magnetic field of the 
primary star. CV's in which the primary has 
little to no magnetic field have large accretion 
disks; systems for which the white dwarf has a 
large magnetic field (polars or AM Her stars) 
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do not have an accretion disk and matter ac- 
cretes onto one pole of the primary. XY Ari 
is a member of the intermediate polar sub- 
class (=IP or DQ Her stars; Patterson 1994). 
These stars may have both a magnetic field 
and an accretion disk, but debate exists on 
the degree of disk versus diskless accretion 
(e.g., Norton et al. 1997). In either scenario, 
the mass transfer material accretes onto the 
magnetic poles of the white dwarf; the differ- 
ences in the scenarios lie in the type of the ac- 
cretion, whether arc-like (disk-fed) or funnel- 
like (stream-fed) and the consequently dif- 
ferent observational signatures expected from 
the two methods (e.g., Norton, Beardmore, & 
Taylor 1996 for power spectra). 

XY Ari is the only fully eclipsing interme- 



diate polar known^; as luck would have it, 
the CV is hidden behind a molecular cloud, 
Lynds 1457, and is virtually invisible in the 
optical (visual extinction of A^, = 11.5 it 
0.3; Littlefair, Dhillon, & Marsh 2001). Ka- 
mata, Tawara, & Koyania (1991) determined 
XY Ari's X-ray spin period, w, = 206.298 
ibO.OOls, and its orbital period Q, to be 21,829 
±3 s (~ 6.02 h), thereby firmly establishing 
its classification as an IP. Hellier (1997) ob- 
served XY Ari during its only known outburst 
and placed a limit on the accretion region of 
<0.002 of the white dwarf's surface area, as 
well as constraining the inclination of the sys- 
tem to be 80° < i < 84°. 

The continuum emission of these systems 
provides the overall properties (e.g., inclina- 
tion, eclipse width, column absorption, etc.), 
while the line emission has the potential to 
provide specific details (e.g., temperatures, 
electron densities, emitting region visibility). 
Of particular interest are the emission lines of 
iron in the 6-7 keV band. Previous studies of 
the lines studied their behavior over the en- 
tire observation at CCD resolution (Ezuka & 
Ishida 1999, Helher, Mukai, & Osborne 1998) 
or at grating resolution (e.g., Mukai et al. 
2003). Previous time-resolved studies of the 
X-ray emission focused solely on the contin- 
uum (eg., Kamata & Koyama 1993; Norton 
& Watson 1989). In our study of XY Ari us- 
ing archival Chandra data, we focus on the 
time-resolved behavior of the iron lines in the 
6.4-6.9 keV region. 

2. Observation 

Chandra observed XY Ari on 2000 July 9- 
10 for approximately 56 ksec and then again 
on 2000 August 17 for approximately 44 ksec 
(obs id: 943, target name: MBM12). Chan- 
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dra observations of length less than ~150 ksec 
are usually scheduled in one continuous pass 
at the object; the July 2000 observation was 
interrupted by high solar radiation and the 
remainding time was re-scheduled for mid- 
August. A few ksec were trimmed off the 
end of the first observation by the automated 
data processing because of violations of back- 
ground count rates. The data were com- 
pletely re-processed during an overall CXC re- 
processing effort in 2001-2002 that improved 
various calibration-related issues. We ob- 
tained the re-processed data from the archive. 
Both observations placed XY Ari on the 
Advanced CCD Imaging Spectrometer (ACIS)- 
S3 chip; the aim point on the S3 chip serendip- 
itously placed XY Ari --^5.6 arcmin off-axis. 
The off-axis position mitigates the effects of 
event pile-up not only from the reduced ef- 
fective area (~86%, CXC Proposers' Obser- 
vatory Guide 2002) but also from the broader 
point spread function (=PSF; ~2 times larger 
than on-axis as defined by the 90% encircled 
energy behavior). To verify that the source 
was free of pile-up, we generated a radial 
profile of the source for the entire --^100 ks 
and compared it to the theoretical PSF. For 
the profiles, we centered a series of 30 an- 
nuli 0.49 arcseconds apart on the source and 
sampled the background with an annulus of 
inner radius 16 arcseconds and outer radius of 
30 arcseconds. We used the CIAO (Chandra 
Imaging and Analysis of Observations v2.2.1)^ 
tools to extract the counts in each annulus to 
construct the profile. For the theoretical PSF, 
we used the mkPSF tool in CIAO and then 
normalized the result by the total number of 
counts in the source region. Both the theo- 
retical and observed profiles agreed to within 
0.4%. Agreement between the profiles, partic- 
ularly in and near the center, indicates little 
or no pileup exists in the source. 
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The observations of XY Ari, although sep- 
arated in time, occurred within a few weeks of 
each other. As a result, the time-dependent 
gain changes described in Vikhlinin et al. 
(2003)^ do not alter the energy scales assigned 
to the two observations as the differences in 
the gains between the two observations were 
insignificant. 

Shown in Figure 1 are light curves for 
both observations using bins of width 90 s 
in the energy range of 0.3-10 keV. We re- 
moved 1.2 ksec of time from the first obser- 
vation in which the background significantly 
increased, most likely caused by an increase in 
the charged particle background induced by a 
solar flare. The times were corrected to the 
solar barycenter using the CIAO code axbary 
with the DE405 solar system ephemeris (con- 
sistent with the ICRS reference system). We 
then determined the source count rates for 
both observations by centering a circle of ra- 
dius of 0.14 arcminutes at the source posi- 
tion. Background counts were accumulated 
from an annulus surrounding the source us- 
ing an inner radius of 0.27 arcminutes and an 
outer radius of 0.54 arcminutes. The source 
had a count rate of 0.346 counts s^^ (flare- 
subtracted data) with a background rate of 
0.0093 counts s~^ during the first observa- 
tion and source and background rates of 0.302 
counts s^^ and 0.0096 counts s~^, respec- 
tively, during the second observation. 



2.1. Orbit Period 

Two full orbital cycles of XY Ari are cov- 
ered by the two observations. We folded 
the light curve on the orbital period using 
the ephemeris of Allan, Hellier, & Ramseyer 
(1996). Within the errors, the predicted val- 
ues match the observed eclipse times. We 
do not show the orbital light curve because 



most of the features may be inferred from Fig- 
ure 1. Table 1 lists the mid-eclipse times de- 
termined from the half-point at 50% of the 
eclipse depth. We also examined the hardness 
ratios phased at the orbital period; we do not 
present the ratios here since they are constant 
within the errors over the orbital period. 

2.2. Spin Period 

Hellier (1997) used an ephemeris that 
started at TDB 245 0277.40382 and adopted 
the Kamata et al. spin period. We adopted 
the same ephemeris and folded the data on 
that ephemeris as shown in Figure 2. A hard- 
ness ratio, defined as HR = 4-8 keV / 1-4 keV 
was generated for each observation and is dis- 
played in the lower portion of Figure 2. A 
representative error bar is also included. The 
two observations are similar, but the width of 
the pulse peak is significantly broader in the 
second observation (0.15 vs. 0.20). 

Previous observations of XY Ari by Hellier 
(1997) studied the spin pulse profile, and the 
spin pulse profiles in this observation resem- 
ble those results. The absolute spin pulses in 
the Chandra observation are offset from ear- 
lier lightcurves by ~0.32 phase shift in the 
first observation, and by ~0.30 phase shift in 
the second observation. These offsets most 
likely originate with an error in the extrapo- 
lated ephemeris^. The profiles are essentially 
unchanged in shape which, for our purposes, 
is more important. We attempted to improve 
the emphemeris, but could not be certain of 
the cycle count. 

2.3. Spin-Orbit behavior 

Shown in Figure 3 are light curves, filtered 
into 3 orbit-phased bins, folded on the spin pe- 
riod, and separated into 2 energy bands (0.5- 
4.0 and 4.0-8.0 keV). Phases immediately at 
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or adjacent to the eclipse were not included. 
We note the peak near spin phase 0.4 that 
is visible in the soft band, but not the hard 
band. The hard band light curves are essen- 
tially consistent with constant emission at all 
spin and orbit phases. 

The count rate in the soft band (0.5-4.0 
keV) during orbital phases 0.05-0.35 lies ~10- 
15% above the count rates in the other bins. 
The corresponding hard band does not show 
such an increase. Otherwise, within the errors 
the bins behave nearly identically as a func- 
tion of energy. 

3. Data Analysis 

3.1. General Spectral Fitting 

This section provides overall details on the 
spectral fitting. Before commencing any spec- 
tral fits, we corrected the data for the low- 
energy contamination buildup (Plucinsky et 
al. 2003) and constructed a response matrix 
appropriate for the specific detector and the 
off-axis position of XY Ari. Spectra were ex- 
tracted using the same apertures as defined 
for the light curves (§ 2). All spectra were fit 
with Sherpa v2.2.1 (Freeman, Doe, & Siemigi- 
nowska 2001) and Xspec vll.2 (Arnaud 1996) 
using x^ data variance. In each case, the 
continuum model was fit first with the ex- 
pected regions of line emission masked. The 
line masks were then removed and fits to the 
line regions were carried out. 

Previous fits to X-ray spectra of XY Ari 
used absorbed thermal bremsstrahlung mod- 
els with kT=16, 17, and 30 keV (ASCA, 
Ginga, and RXTE observations respectively, 
Helher 1997; Ezuka & Ishida 1999). Fits 
to the continuum of the ACTS data using a 
thermal bremsstrahlung model, a power law 
model, and a blackbody model all produced 
X^ values of ~ 1.1. As our primary goal is 
the study of line variations, we require a 
good but simple fit to the continuum to de- 



fine the lines. We adopted an absorbed ther- 
mal bremsstrahlung model not only to provide 
that simple fit but also for comparison with 
previous results. 

The Chandra data do not constrain the 
bremsstrahlung temperature because of the 
relatively high values for the temperature typ- 
ical of IPs and because of the declining effec- 
tive area of the Chandra mirrors above ~5 
keV. We adopted a temperature of 30 keV as 
determined from RXTE data because it has 
a broader bandpass than other satellites such 
as Ginga or EXOSAT that have observed XY 
Ari. 

There are two different approaches for fit- 
ting lines, each with its own merits: (i) place 
gaussians at the positions of known lines and 
integrate the fiux falling under the line; (ii) 
fit gaussians to detected lines. The first ap- 
proach has the advantage of extracting the 
most information with the least degree-of- 
freedom cost since the line center is fixed. 
This approach has the drawback that the 
placed lines may not be statistically indepen- 
dent. The second approach is robust, but 
risks missing weak lines that fall below a pre- 
determined significance threshold because of 
the extra degree-of- freedom cost. 

We adopted the second approach because 
of the inherent resolution of the ACIS de- 
tector. We added as many gaussian lines 
as permitted by the statistical improvement 
of the fit and the statistical independence of 
the added line. Based upon X-ray observa- 
tions using the Chandra High Energy Grat- 
ing which shows narrow emission lines, the 
lines are expected to be unresolved in the 
ACIS data (Helher & Mukai 2004; Mukai et 
al. 2003). Therefore, each added gaussian had 
its line width fixed at zero to mimic an unre- 
solved line. 

We calculated upper limits to any absent 
lines by adding a zero-width gaussian at the 
line's position, then raising the gaussian nor- 



malization until A^^ changed by the required 
amount. In general, we quote 95% upper lim- 
its, hence the required change was 4.0 for 1 
parameter of interest (the line strength); for 
comparison with values in the literature, we 
also use 1 a errors and explicitly state when 
we do so. 

The original Chandra data were obtained 
in two separate observations. To reach the 
most sensitive detections for any line, we com- 
bined the observations to maximize the signal- 
to-noise which will henceforth be referred to 
as the 'combined data'. We subsequently fit 
each observation separately to detect any line 
strength variations over the five-week separa- 
tion between the observations. We also broke 
each observation into phase bins as detailed 
below. 

3.2. Overall Spectral Features 

From the combined data, we extracted 
the source and background spectra in the 
same manner as described above for the light 
curves. This extraction was possible because 
XY Ari was in the same location on the CCD 
to within a few pixels. The total source spec- 
trum was binned to 25 counts per channel and 
is shown in Figure 4. Lines near 6.4, ~6.7, and 
6.9 keV are visible; in addition, a weak line 
at --^8.2 keV is also marginally detected. We 
henceforth use these designations to label the 
lines. We identify the strong lines as Fe I Ka 
at 6.39 keV, the Fe XXV triplet complex in 
the 6.64-6.70 keV band, and Fe XXVI Lya 
6.96 keV. 

We then analyzed each data set separately. 
For the separate observations, we binned the 
spectra to 15 counts per channel. We do not 
show the spectra because they are visually 
similar to Figure 4. Both observations sep- 
arately show emission lines at 6.4, 6.7, and 
6.9 keV with significance >99%. The absorp- 
tion was also significantly higher during the 
second observation. The results from the fits 



to the combined and separate data sets are in 
Table 2. 

3.3. Phase-Resolved Fits and Results 

The count rate from XY Ari is sufficiently 
high to allow a study of the time-resolved line 
emission, both at orbital and spin phases, but 
sufficiently low to force considerations of the 
signal-to-noise per phase bin. 

Intermediate polars are generally not stud- 
ied at orbital phases because of the inher- 
ent blending of spin-dependent features. In 
Kamata & Koyama (1993), the authors pub- 
lished a plot of the orbital-dependent behav- 
ior of the absorption column, reporting a 
sinusoidal-like behavior. Figure 6 shows the 
orbit-phased behavior of the absorption col- 
umn using 5 orbital phase bins for each ob- 
servation. We confirm the variable behavior 
with orbital phase. 

For the spin-phased spectroscopy, we set- 
tled on two approaches. First, based upon 
Figure 3, spin phases ~0.3-0.6 contain a peak 
visible at all orbital phases. We divided the 
data into 3 bins phased on the spin period 
to study any orbital-dependent differences di- 
rectly. Table 3 lists the results for the 3-bin 
fits. Second, we divided the data into 5 bins 
again phased on the spin period to push the 
phase resolution as much as possible; table 4 
lists the results for the 5-bin fits. Examples of 
two spectra from the 5-bin fits are shown in 
Figure 5 and illustrate significant variations 
in line strengths. 

Figure 7 shows the changes in the absorp- 
tion column throughout each observation and 
using the results from the 5-bin set of data 
phased at the spin period. The absorption is 
lowest at the spin phases that correspond to 
low hardness ratios, and highest when there 
is a peak in the hardness ratio. This behavior 
matches the model of additional matter along 
the line of sight at specific spin phases, simi- 



lar to a recent analysis of X-ray spectra of the 
IP PQ Gem James et al. (2002); the added 
matter most Ukely originates from the accre- 
tion stream or arc. Ahernatively, a second, 
soft emission component could become visible 
during those phases and leading to a smaller 
fitted value for the column density. The spec- 
tral fit does not require an additional emission 
component, however. 

The 6.4 keV line differs between the two 
observations and appears to vary within an 
observation (Figure 8). A survival statistics 
analysis confirms our impressions (Lavalley, 
Isobe, & Feigelson 1992). For the 6.4 keV 
line, the probability is low (~0.03) that the 
equivalent widths from the two observations 
arise from the same parent population. The 
probability estimate is robust in that three 
different survival tests (generalized Wilcoxon, 
Kaplan-Meier estimator, log rank test) each 
yield similar probabilities (0.025, 0.033, 0.049, 
respectively). The 3- and 5-bin mean Kaplan- 
Meier estimates yield approximately a factor 
of 2 difference between the observations over 
the 5-week gap for the 6.4 keV lines. The 
5-bin mean values are 141±25 eV and 72ib4 
eV for the first and second observations, re- 
spectively. This represents a real detection of 
differing line strengths in the 6.4 keV line. 

Weak evidence exists for line variations in 
the 6.7 keV region (Figure 8). The Kaplan- 
Meier estimates state that the mean values are 
essentially identical at 148=b31 and 131ibl5 
eV for the first and second observations, re- 
spectively; the 3-bin Kaplan-Meier values are 
identical. However, a fit of a constant or a 
linear decline shows that a decline provides a 
marginally better fit with Ax^ decreasing by 
2.7 which is significant at 90% for the extra 
degree-of-freedom. 

For the 6.96 keV line, the line fluxes are 
constant with phase within the errors; the 
Kaplan-Meier estimates of the means differ 
but are just short of overlapping at 120ibl5 



and 86ibl7 eV. The probability that the two 
samples were drawn from the same popula- 
tion is ~10-12%. Higher signal-to-noise spec- 
tra will be needed to verify or refute any pos- 
sible line variability. 

3.4. Unexpected Emission Lines 

We also detected three emission lines in the 
first observation, each at relatively large sig- 
nificance, that appear in the ~3-6 keV band 
and are not normally observed in astrophysi- 
cal sources (Table 5). The first line appears in 
the 0.2-0.4 phase bin at 3.25 keV with ~94% 
significance, the second at 4.81 keV in the 
phase 0.8-1.0 bin with >99% significance (vis- 
ible in Figure 5), and the third lies at 5.39 keV 
in the 0.0-0.2 phase bin with a significance of 
~97%. We expended considerable effort to 
understand their nature, as yet without suc- 
cess. 

The Chandra calibration team has shown 
no line in the background at any of the three 
detected line energies. The XY Ari back- 
ground data do not show emission at these 
energies. We applied current gain maps to the 
files during their initial re-processing, so the 
lines are not artifacts of the processing or the 
use of old gain values. During the orbit phases 
where the lines are seen, we filtered the data 
on energy, isolating each line. Images of the 
results show each line centered on the position 
of XY Ari, which is counter to the expectation 
that the lines arise from the background. 

If we ignore the 0.5 keV difference in line 
energy for the moment, the 5.39 keV line 
could result from contamination from on- 
board calibration sources, in which X-rays 
hitting the calibration devices proceed to the 
detector and contaminate the data. The Mn 
Ka calibration source emits at 5.9 keV; the 
line is easily visible in event histogram data 
(an instrument mode used for ACIS calibra- 
tion), but these data are collected only when 
ACIS is not in the focal plane (Chandra Cal- 



ibration team 2002). The cal source might 
explain the hne if the hne were present at all 
phases; the line, however, is not so coopera- 
tive. The line is essentially visible in a single 
phase bin. 

Another possibility exists: the lines are 
red- or blue-shifted from their rest energies. 
Without a firm identification for each line, we 
can not calculate velocities. If we assume the 
lines are red-shifted Fe K emission, the veloc- 
ities involved are very large. Adopting a rest 
energy of 6.40 keV, we obtain velocities in the 
range of 0.2c-0.5c for the three lines, values 
well beyond the capabilities of the potential 
well of a white dwarf. 

Finally, charged particle events create 
emission lines in the background spectrum 
from X-ray fluorescence of materials in the 
detector. If we take the fitted line centers as 
fluorescing lines, then the 3.25 keV line might 
be attributed to Ar Ka (3.20 keV) and the 
5.39 keV line to Cr Ka (5.41 keV). The er- 
ror on the line center of the 3.25 keV line is 
sufficiently large that it encompasses several 
ionization states of Ar. 

The 4.81 keV line does not match any K 
line, as is expected for X-ray fluorescence; pos- 
sible matches regardless of mechanism are ^^I 
L7 (4.80 keV), s^Ba L/3 (4.83 keV), but both 
lines are very weak (Kortright & Thompson 
2001); the identiflcation is not plausible given 
the low abundance of these elements. A more 
plausible identification for the 4.81 keV line 
is Ca XIX with rest energy 4.823 keV. The 
error on the line center of the 4.81 keV line 
easily encompasses this rest energy and the 
abundance of Ca is sufficiently high that the 
identification appears robust. This is appar- 
ently the first detection of Ca XIX in any CV. 

The 3.2 keV line, associated with Ar Ka 
above, also has observational support: the 
ASCA spectrum of the intermediate polar 
EX Hya shows emission from Ar XVII Ka 
and XVIII Ka lines at 3.125 and 3.319 keV, 



respectively (Fujimoto & Ishida 1997). The 
equivalent widths were measured as ~20 
eV each, broadly consistent with unresolved 
emission in the ACIS spectrum if we assume 
the two systems have similar radiation envi- 
ronments. 

4. Discussion 

XY Ari was in quiescence during the Chan- 
dra observation. The Einstein, Ginga, and 
quiescent RXTE luminosities Lx were ~1.7, 
~3.5, and ~2.6, respectively, in units of 10^^ 
erg s~^ in the 2-10 keV band (Patterson & 
Halpern 1990; Kamata & Koyama 1993; Hel- 
lier, Mukai, & Beardmore 1997). These lu- 
minosities have been corrected for distance, 
from the originally published values based on 
a distance of ~65 pc (Patterson & Halpern 
1990) to the more recent estimate of 270ibl00 
pc (Littlefair, Dhillon, & Marsh 2001). The 
mean Chandra luminosity is 3.1ib0.1x 10^^ erg 
s-i. 

We fit three different spectral data sets for 
XY Ari: the combined data, the summed 
spectra for each observation separately, and 
the phase-resolved spectra for each observa- 
tion. We discuss each in turn. 

The lines detected in the combined data are 
at first glance similar to the previous spectral 
studies using ASCA (Hellier, Mukai, & Os- 
borne 1998; Ezuka & Ishida 1999). However, 
the Hellier et al. study confidently detected 
only the 6.7 keV line; the 6.4 and 6.9 keV lines 
in their table are really upper limits. Simi- 
larly for Ezuka & Ishida: they list three lines 
in their table, but they detect the 6.4 keV line 
with 90% confidence and report upper limits 
for the 6.7 and 7.0 keV lines. In contrast, 
we detect three lines at >99% confidence in 
the combined data and in each observation 
separately (Table 2). The differences in the 
detections among the various studies may be 
attributed to variations in the signal-to-noise 



of the corresponding spectra, but may also in- 
dicate variability in line fluxes as a function of 
time. If the lines vary, then significant clues to 
the detailed accretion physics await detection 
of the variations as a function of spin phase. 

The presence of the 6.4, 6.7, and 6.9 keV 
lines provides constraints on the ionization pa- 
rameter ^ = Lx / R^ n, where R is the size of 
the emitting region and n is the number den- 
sity. The 6.4 keV fluorescent line appears if 
^ <2 (Kallman & McCray 1982) and requires 
an ionization stage of XVI or smaller. The 6.7 
and 6.9 keV lines, however, arise from Fe XXV 
and XXVI, respectively, and require a higher 
ionization state. For the few phases where 
the lines are equally detected, (e.g., observa- 
tion 1, phases -^0.3 and ~0.7), the 6.7/6.9 line 
strength ratio of --^l (range: 0.6 to 1.3) implies 
^ ~3.5-4. The upper limits on these lines, par- 
ticularly for observation 2, phase ~0.1, require 
considerable variation in the ionization state 
with spin phase. 

Following Bautista & Titarchuk (1999), for 
temperatures below ~12 keV, there is es- 
sentially zero emission from Fe XXVI Lya. 
The upper limits on the line emission, par- 
ticularly the more restrictive limits of obser- 
vation 2, require either a multi-temperature 
plasma or significant blockage of the line emis- 
sion; the latter inference requires a contrived 
geometry to remove line emission without 
also removing continuum emission. Multi- 
temperature plasmas in the accretion columns 
of IPs emerged from applications of the mod- 
els of Aizu (1973); early spectral fits required 
only a single temperature. Multi-temperature 
plasmas were first demonstrated from spectral 
fits by Ishida, Mukai, & Osborne (1994) using 
ASCA data. The conclusion presented here is 
therefore not new, but it confirms the physics 
using phase-resolved spectroscopy of emission 
lines. The emission from the lines should be 
nearly co-located, in contrast to an alternative 
explanation of the Ishida, Mukai, & Osborne 



(1994) results, namely that the line source re- 
gions were widely distributed. 

The strength of the 6.4 keV line is propor- 
tional to the column density of material (Kall- 
man 1995): EqW ~2.3 N24 keV, where N24 
is the column density in units of 10^^ cm^^. 
The measured mean values imply a factor of 
~2 change in the column density. The line 
strength is also related to the inclination be- 
cause of the increasing path length through 
the disk for higher-inclination systems (van 
Teeseling, Kaastra, & Heise 1996). From fig- 
ure 4 of the van Teeseling et al. paper and 
for a specified inclination, a change in the 6.4 
keV equivalent width requires either a change 
in the bremsstrahlung temperature or other 
processes, such as optical depth effects or tem- 
perature inversions. 

That the 6.4 keV fluorescence line is only 
detected at specific spin phases will presum- 
ably tell us more about asymmetries in the 
cold iron gas surrounding the accretion region. 
Variations in ionization state likely arise from 
aspect variations of the accretion region, non- 
uniform filling factors of the absorbing gas, or 
optical depth effects. We know line emission 
occurs preferentially in directions low optical 
depth; variations in optical depth could eas- 
ily affect the inferred phase-dependent effects 
reported here. High wavelength- and time- 
resolution observations will be necessary to 
sort out optical depth effects. 

We conclude with several speculative com- 
ments. 

The apparently transient behavior of the 
4.8 keV line may be described as flare-like. 
Ca XIX is detected in solar flares (e.g., Fludra 
& Schmelz 1999); this line may represent the 
first such detection in CV. 

The second observation showed marginal 
evidence for the presence of a line at ^■6.25 
keV. If the 'line' is actually a Compton shoul- 
der on the Fe Ka line arising from single- 



scattered photons, then measurements of the 
column density of the scattering medium and 
its metal abundance may be possible (van 
Teeseling, Kaastra, & Heise 1996; Watanabe, 
S. et al. 2003). 

The spectral fit of the first observation is 
improved by a line at ~7.1 keV, perhaps the 
Fe I K/3 line; the /3 : a branching ratio is 
17:150 (Bambynek et al. 1972). Similarly, the 
second observation detects a line at ~8.2 keV, 
possibly the Ly/3 line of Fe XXVI. The de- 
creasing effective area of the Chandra mirrors 
prevent robust detection of the continuum and 
any possible line(s) above ~7 keV, but provide 
two goals for spectroscopy of IPs using future 
X-ray observatories since both lines serve as 
temperature indicators. 

We thank the referee for comments that 
materially improved the presentation. AS 
thanks everyone connected with the REU pro- 
gram for support. We thank Eli Beckerman 
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NAS8-39073 to the Smithsonian Astrophysi- 
cal Observatory. 
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Fig. 1. — Lightcurves for the (top) first and (bottom) second observations of XY Ari with Chandra in the 
0.3-10 keV band. Each bin is 90s in size. The first observation included a 1.2 ksec time span that was 
contaminated by a background-induced flare near 7959e7 that was excised from the data. The other four, 
broader drops in count rate are the XY Ari eclipses. Time is given in Chandra time, which is seconds from 
MJD=50814. 
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Fig. 2. — Spin period-folded lightcurves folded on the 206.298s spin period for both observations. Also 
shown are the 4-8 kev/1-4 kev hardness ratios. The data have been repeated twice for clarity. 
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Fig. 3. — Orbit-phase data filtered into 3 phase bins for which each bin is folded on the spin period. 
Both the soft (0.5-4 keV) and hard (4-8 keV) bands are shown. The data are repeated twice for 
clarity. 
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Fig. 4. — The fit to the combined data set. The emission hnes have dehberately not been included 
in the fit so the emission region is more readily apparent. The region from 5.2 to 7.2 keV, including 
the fit, is shown expanded in the inset. 
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Fig. 5. — Significaiitly different line emission in the 0.8-1.0 phase bin between the two observations, (left) 
Observation 1: the 6.4 keV and 6.68 keV lines are clearly visible, as is the 4.8 keV line (See §3.4). (right) 
Observation 2: no lines are visible. The continuum temperature has been fixed at 30 keV as described in 
the text. 
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Fig. 6. — Changes in absorption during each orbit period. Open squares represent the first observation 
and filled blocks represent the second observation. The data have been repeated twice for clarity. This plot 
confirms an earlier study using Ginga (Kaniata & Koyama f993). 
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Fig. 7. — Changes in absorption during each spin period. Open squares represent the first observation and 
filled blocks represent the second observation. The data have been repeated twice for clarity. 
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Fig. 8. — Changes in equivalent width during each spin period for the 6.40, 6.68, and 6.96 keV hnes. Open 
symbols represent the first observation and filled symbols the second. Triangles represent upper limits. The 
data have been repeated twice for clarity. 
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Table 2: Complete Data Sets: Combined/Weighted Data, First Observation, Second Observation^ 



Data Set 


Flux 
2.0-10.0 keV 

(10-12 crgs/cmVs) 


Column 

Density 

(1022cm-2) 


Line 

Energy 

(keV) 


Equivalent 
Width 

(eV) 


Combined 


-36 -^fi+oyi 


5.3ol[;:lU 


6.68iro^ 
8.20t°;?^ 


108±38 
106±46 
117±51 
90±51 


First Observation 


18-27;o.l? 


4.6o±[!:ll 


4.88±ll;i^ 
6 41+006 

"-'• + -'^-0.02 
6 66+004 
0-""-0.06 

6 06+005 

"-'•^"-0.08 


1331^^ 
106136 

1031^1 


Second Observation 


18.01-- 


"J-"°-0.12 


6 44+0-iw 
6 6q+o"'^ 

"•yj^-0.08 

o 10+0.08 

^•J-^-o.io 


76+50 

'"-36 

1571^° 

104;2« 
104+^8 













^We adopted an absorbed thermal bremsstrahlung model for the continuum with a fixed temperature of 30 keV. All 
errors are 95% errors unless otherwise stated. 



Table 3: 3-Bin Spin Phase Spectral Parameters^ 





Unabsorbed 


Column Equiv. 


Width (eV): line at . 


keV 


Phase 


Flux2 


Density^ 6.40 


6.68 


6.96 


7.20 






Observation 1 








0.3-0.6 


4.62±0.18 


4.74±0.18 120±56 


98±51 


147±75 


<98 


0.6-0.9 


5.19±0.23 


4.49±0.19 199±65 


97±51 


125±73 


119±93 


0.9-0.3 


4.39±0.17 


4.58±0.19 118±53 
Observation 2 


158±66 


53±51 


<88 


0.3-0.6 


5.15±0.17 


5.15±0.20 47±42 


116±47 


121±63 


<86 


0.6-0.9 


5.05±0.21 


6.46±0.26 91±43 


172±57 


162±59 


<73 


0.9-0.3 


4.83±0.18 


5.77±0.23 110±54 


68±54 


120±72 


<87 















^We adopted an absorbed thermal bremsstrahlung model for the continuum with a fixed temperature of 30 keV. Line 
widths have been fixed at zero for all phases to approximate unresolved lines. All errors are 95%. 
■^in units of 10~^'^(ergs/cm'^/s) in the energy range 2.0-10.0 keV. 
^in units of Nh x 10^^ cm^^ 
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Table 4: 


5-Bin Spin Phase Spectral Parameters 






Unabsorbed 


Column 


Equiv. Width (eV): 


line at keV 


Phase 


Flux2 


Density^ 


6.40 


6.68 


6.96 






Observation 1 






0.0-0.2 


2.98±0.09 


4.62±0.23 


<53 


265±95 


<147 


0.2-0.4 


3.07±0.14 


3.92±0.19 


150±65 


189±75 


82±45 


0.4-0.6 


3.26±0.14 


4.72±0.25 


106±73 


<94 


138±40 


0.6-0.8 


3.08±0.09 


5.24±0.30 


204±80 


97±63 


140±92 


0.8-1.0 


3.22±0.09 


5.18±0.27 


192±78 


97±59 


<156 






Observation 2 






0.0-0.2 


3.42±0.10 


5.98±0.39 


82±61 


152±84 


<40 


0.2-0.4 


3.23±0.11 


5.05±0.24 


<54 


123±66 


131±77 


0.4-0.6 


3.63±0.13 


5.29±0.33 


77±51 


139±66 


81±72 


0.6-0.8 


3.38±0.08 


6.40±0.31 


79±53 


167±69 


115±72 


0.8-1.0 


3.47±0.10 


6.38±0.32 


68±60 


72±65 


<101 















^We adopted an absorbed thermal bremsstrahlung model for the continuum with a fixed temperature of 30 keV. Line 
widths were fixed at zero for all phases. Errors on the equivalent widths are 1 a for comparison with values from the 
literature; other errors are 95%. 

^in units of 10^^^(ergs/cm^/s) in the energy range 2.0-10.0 keV. 

^in units of N^ x 10^^ cm"^. 



Table 5: Unexpected Emission Lines in Observation 1^ 



Line 
Center 



Phase 
Observed 



EquivW 

(eV) 



Ax^ Signif. 



Upper Limits at 
Other phases^ 



Line 
Identity 



3.25±0.04 


0.2-0.4 


44 


5.5 


94% 


/36/-- 727/24/77/ 


Ar Kq 3.20 keV? 


4.81±0.03 


0.8-1.0 


99 


15.3 


>99% 


/41/81/37/30/--7 


Ca XIX 4.832 keV? 


5.39±0.04 


0.0-0.2 


85 


7.8 


97% 


/• • 785/86/40/117/ 


no id? 



^ Lines were fit using a gaussian of zero width to approximate an unresolved emission line. 

^ Upper limits at other phases: the 95% limits are defined at phases /O.O-0. 2/0. 2-0.4/0.4-0. 6/0.6-0. 8/0. 8-1.0/ and in 
that order. 



17 



